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OUTLINE

Standard pre-main sequence evolution. The 
Hayashi track and the ‘simple’ gravitational
contraction. (‘60s)

Protostellar phase. From gravitational
collapse to the formation of the protostellar
hydrostatic core. (‘69+’90s+2000s)

Main protostellar accretion phase. Spherical
and/or disk accretion: the birthline.

Connecting pre-main sequence stellar 
evolution to the protostellar phase.
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(1) Standard pre-MS evolution
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2

1 – Star formation. (L > 300 Lsun R > 40 Rsun)
Cold and expanse fully convective
and hydrostatic structure. 

2 – Gravitational contraction. 
No nuclear energy source. The   
energy radiated comes from the    
contraction of the star.	  

The energy excess is radiated at
the stellar surface on a Kelvin-
Helmholtz timescale

The contraction produces an 
increase of the temperature

T$ ∝ 	  
M
R

1	  Msun 𝜏)* ≈ 10.𝑦𝑟

𝜏)* ≈ 101 − 103𝑦𝑟
𝑳 ∝ 𝒕6𝟐/𝟑

Hayashi et	  al.	  (1965)

3

𝜏)* ≈ 10:𝑦𝑟

D-‐burning
line

𝑴
𝑹 = 𝒄𝒐𝒏𝒔𝒕.

D-burning: when T$ reaches 106 K,   
deuterium ignites halting the  
gravitational contraction.

𝜏B ≈ 1 − 5	  𝑀𝑦𝑟

𝜏B ≈ 0.1	  𝑀𝑦𝑟

2



OUTLINE

Standard pre-main sequence evolution. The 
Hayashi track and the ‘simple’ gravitational
contraction. (‘60s)

Protostellar phase. From gravitational
collapse to the formation of the protostellar
hydrostatic core. (‘69+’90s+2000s)

Main protostellar accretion phase. Spherical
and disk accretion: the birthline.

Connecting pre-main sequence stellar 
evolution to the protostellar phase.



(1) Protostellar phase

The cloud collapse: Larson (1969) (see also Masunaga and Inutsuka 2000)

Formation phases. Initial model: cold (~10 K) and low density (~10-19 g cm-3)

- Isothermal collapse: because of the low temperture and densities the 
clouds doesn’t warm up until ρ~106G.g	  cm6. is reached. 

- Formation of the first core: the energy is partially trapped inside the 
center preventing a further collapse. An hydrostatic core forms. 
Outside the matteris still falling on the core, which grows in mass. The 
accreting matter forms a shock front on the core surface.

- Second collapse: because of raditive energy loss, the core contracts, 
although its mass is increasing. The contraction leads to a temperature 
rise. As T approaches 2000 K the moleular hydrogen dissociates. The 
collapse doesn’t warm the matter as all the energy goes into
dissociation of H2. 

- Formation of the second core (second Larson core): After the total
dissociation of H2 the central pressure rises and an hydrostatc
configuration is reached.
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entropy for the material entering the core, and consequently a larger core radius 
than in Case 1. The properties of the resulting star when it first appears on the 
Hayashi track are as listed in Table II. 

Table I 

Initial properties of the stellar core 

Case 
No. 

1 
2 
3 
4 
5 
6 
7 

t 
(yrs) 

3 ( + 5) 
9 ( + 3) 
6 ( + 3) 
3 ( + 5) 
1*2 ( + 5) 
i*3 ( + 5) 
5 ( + 4) 

Case 
No. 

1 
2 
3 
4 
5 
6 
7 

M 
(g) 

3 (+30) 
6 ( + 30) 
4 ( + 30) 
i'S ( + 30) 
6 ( + 31) 
4 ( + 30) 
5 ( + 30) 

R 
(cm) 

9 (+10) 
1-5 (+11) 
i-o (+11) 
4 (4-10) 
5 ( + 11) 
1-4 (+11) 
1-4 (+11) 

pc 
(g/cm3) 

2 (-2) 
9 (-3) 
1-7 (-2) 
9 (-2) 
3 (-3) 
2 (-3) 
9 (-3) 

Table II 

Final properties of the stellar core 

t* 
(yrs) 

1- i ( + 6) 
3'3 ( + 4) 
2- 8 (+4) 
1- i ( + 6) 
4’S ( + 5) 
2- 0 ( + 5) 
i-i ( + 5) 

M/Mo R/Ro 

S-o 

2*0 
5*1 
5*7 
2*0 
2*5 
5*0 
7*o 

Te 
(°K) 
4400 
4300 
4200 
4400 
4400 
4900 

13000 

To 
(°K) 

2*2 ( + 4) 
2-3 ( + 4) 
2*2 ( + 4) 
2*2 ( + 4) 
6 ( + 4) 
i*9 ( + 4) 
^•3 ( + 4) 

L/Lo 

i*3 
7.7 
9-2 
i*3 
2*0 

13 
1300 

* This is the time after formation of the stellar core. 

Case 3. In order to find the effect of increasing the initial density without 
changing the initial temperature, a calculation was made with an initial temperature 
of io°K as in Case 1 but an initial density of 1 • 1 x io-16 g cm-3 as in Case 2. 
The evolution of the stellar core in Case 3 is shown in Fig. 6. It is evident that, 

Fig. 5. The evolution of the stellar core in an HR diagram for Case 2. 

© Royal Astronomical Society • Provided by the NASA Astrophysics Data System 

(2) Protostellar phase

𝒕~𝟏𝟎𝟒− 𝟏𝟎𝟓𝒚𝒓

𝑴~𝟏 − 𝟑𝟎×𝟏𝟎6𝟑𝑴𝒔𝒖𝒏
≈ 𝟏 − 𝟑𝟎𝑴𝑱

𝑹~𝟎.𝟓− 𝟕𝑹𝒔𝒖𝒏 𝑻𝒄~𝟐− 𝟔×𝟏𝟎𝟒𝑲

Second Larson Core characteristics
Larson	  (1969)

Similar values found by Masunaga and Inutsuka (2000); Machida et al. (2008); 
Omukai et al. (2010); Tomida et al. (2013)
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Accretion onto Pre-Main-Sequence stars

Hartmann, Herczeg and Calvet, 2016, ARAA
 UV-excess 
 Emission lines

(1) Protostellar accretion
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Figure 1. Schematic figure of a protostar and surrounding accretion flow. The
accretion shock forms at the stellar surface. When the flow becomes optically
thick before hitting on the shock, the photosphere forms outside the stellar
surface. The optically thick part of the accreting envelope is called the radiative
precursor. A dust cocoon surrounds the protostar at larger radius. The inner
boundary of the dust cocoon is a dust destruction front. Most of the light from
the protostar is absorbed at the dust destruction front once, and reemitted as
infrared light. In our calculations, we solve the detailed structure only of the
protostar and accretion flow far inside the dust destruction front, which are
enclosed by the thick dashed line. We discuss possible feedback effects on the
outer dust cocoon in Section 4.
(A color version of this figure is available in the online journal.)

and a hydrostatic core. This hydrostatic core is also called a
protostar since it eventually grows into a star by accretion. The
outer part of the accreting envelope contains dust grains, while
the warm (! 2000K) part near the protostar is dust-free as a
result of their evaporation. Despite the absence of the dust, the
innermost dense part of the envelope becomes optically thick
to gas continuum opacity and the photosphere appears outside
the accretion shock front in the case of a high accretion rate.
Such an inner envelope is called the radiative precursor. We here
consider only the protostar and the radiative precursor under a
given constant accretion rate (see Figure 1). The dusty outer
envelope is not included in our formulation, although stellar
feedback exerted on the envelope may be important in the last
stage of accretion: the mass accretion can be terminated finally
by radiation pressure or other protostellar feedback processes
(e.g., stellar wind) exerted on the dusty envelope. For the present,
we presume that the protostar continues to grow at a given mass
accretion rate and look for solutions of protostars with steady-
state accretion. Discussion on feedback that halts the accretion
is deferred to Section 4.

We calculate protostellar evolution by constructing a time se-
quence of quasi-steady structures of the protostar and accreting
envelope. We solve the stellar structure equations for the proto-
star. For the accreting envelope, we adopt different treatments
depending on whether or not it is opaque to the gas opacity. If
the flow remains optically thin and no radiative precursor exists,
the free-fall is assumed to be outside the star. For the opaque
flow, on the other hand, we solve the structure of the radiative
precursor by using the equations for a steady-state flow. At the

outer boundary, which is taken to be at the photosphere, the
flow is assumed to be in free fall. After solving the protostar and
accreting envelope individually, these solutions are connected
at the accretion shock front by the radiative shock condition
(e.g., SST80a). The shooting method is adopted for solving
radial structure. This procedure is repeated until the required
boundary conditions are satisfied.

We start the calculation from a very small protostar, typically
M∗,0 = 0.01M⊙. The initial models are constructed following
SST80b (see Appendix A.2 for details). Although this choice
is rather arbitrary, the star converges immediately to a certain
structure appropriate for accretion at a given rate. Specific
conditions of the initial models do not affect the evolution
thereafter. The evolution is followed by increasing the stellar
mass owing to accretion step by step. This procedure is repeated
until the star reaches the ZAMS phase after the onset of hydrogen
burning. In a few runs with very high accretion rates, however,
steady accretion becomes impossible before arrival at the ZAMS
and the calculation is terminated at this moment.

2.2. Calculated Runs

The calculated runs and their input parameters are listed
in Table 1. Cases with a wide range of accretion rates are
studied, starting from 10−6 M⊙ yr−1 up to 6 × 10−3 M⊙ yr−1.
The lowest values of 10−6 to 10−5 M⊙ yr−1 are typical for low-
mass star formation, while high rates > 10−4 M⊙ yr−1 are those
envisaged in the accretion scenario of massive star formation.
The initial deuterium abundance of [D/H] = 2.5 × 10−5 is
adopted as a fiducial value, following previous work (e.g.,
SST80a, PS91) for comparison. To assess the role of deuterium
burning, we also calculate “noD” runs, where the deuterium
is absent. Most of the runs are for the solar metallicity Z⊙(=
0.02). Two runs with 10−3 and 10−5 M⊙ yr−1 are calculated
for the metal-free gas (runs MD3-z0 and MD5-z0) to see the
effects of different metallicities. For 10−5 M⊙ yr−1, variations
in deuterium abundances (runs MD5-dh1 and MD5-dh3) and
in initial models (MD5-ps91) are studied and presented in
Appendix B for comparison with previous calculations.

Initial stellar mass in each run is taken to be sufficiently
small, typically M∗,0 = 0.01 M⊙. For high accretion rates
Ṁ∗ " 10−3 M⊙ yr−1, somewhat more massive initial stars (see
Table 1) are used since convergence of calculation was not
achieved for lower mass ones. The radii of initial models are
also listed in Table 1.

3. PROTOSTELLAR EVOLUTION WITH DIFFERENT
ACCRETION RATES

There are two important timescales for evolution of accreting
protostars. The first one is the accretion timescale,

tacc ≡ M∗

Ṁ∗
, (5)

over which the protostar grows by mass accretion. This is an
evolutionary timescale of our calculations. The second one is
the Kelvin–Helmholtz (KH) timescale,

tKH ≡ GM2
∗

R∗L∗
, (6)

over which the protostar loses energy by radiation. The balance
among these timescales is crucial to the protostellar evolution.
When tKH > tacc, the radiative energy loss hardly affects the

Hosokawa et	  al.	  (2009)

Hartmann et	  al.	  (2016)

Spherical or radial accretion
The star is deeply embedded into the cloud. 
A large part of the stellar surface is interested
by the accretion.

Disk accretion
Accretion via streams of matter. A limited part of 
the stellar surface is interested by the accretion.

Geometry of	  the	  accretion
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Figure 20. Stellar birthlines for different accretion rates. The cases for accretion
rates 10−6 M⊙ yr−1 (solid; run MD6), 10−5 (dashed; MD5), 10−4 (dot-dashed;
MD4), and 10−3 M⊙ yr−1 (dotted; MD3) are presented. Each track shows the
evolution from the initial model, and filled circles on the track represent points
of the stellar mass M∗ = 1, 3, 5, 9, and 20 M⊙ from the lower right in this order.
The thick broken line represents the positions for zero-age main-sequence from
Schaller et al. (1992). The open squares along the line denote the positions for
the same masses as above. The dotted straight lines indicate the loci for the
constant stellar radius of 1 R⊙, 10 R⊙, and 100 R⊙.

nebula. The color temperature of the scattered light is evaluated
as Teff ≃ 3000 − 5500 K from features of the absorption lines.
The bolometric luminosity of the protostar is Lbol > 4×104 L⊙.
If the scattered light is from the photosphere of the star, this low
Teff cannot be explained by a MS star: Teff of a ZAMS star with
the same luminosity is about 35000 K, much higher than the
above estimation. Morino et al. (1998) concluded that a very
large stellar radius of > 300 R⊙ is needed to explain the
low effective temperature. Stimulated by this result, Nakano
et al. (2000) studied the evolution of protostars with very
high accretion rates ∼ 10−2M⊙ yr−1 using a one-zone model.
However, they concluded that stellar radius does not exceed
30 R⊙ and then failed to reproduce the observed low effective
temperature. In contrast, using more detailed modeling, we
have shown that the stellar radius in fact reaches as large as
≃ 100 R⊙ in the cases of high accretion rate. In Figure 21, we
present evolution of photospheric temperature and bolometric
luminosity for three cases with Ṁ∗ ! 10−3 M⊙ yr−1. This figure
shows that the required condition is satisfied, for example, with
the case of Ṁ∗ ! 6 × 10−3 M⊙ yr−1 for M∗ ≃ 20 − 25 M⊙. As
a conclusion, the observation can be explained if the accretion
rate is higher than 4 × 10−3 M⊙ yr−1. The allowed mass range
corresponds to the duration of the swelling of the protostar by
the luminosity wave (see Section 3.1). Recall that this swelling is
caused by very inhomogeneous entropy distribution: the matter
near the surface receives a large amount of entropy temporarily.
Since this is not included in the one-zone model of Nakano
et al. (2000), their model gave a smaller radius than ours.
In Appendix C, we present calibration of parameters for a
polytropic one-zone model to include this effect approximately.

Figure 21. Evolution of the effective temperatures and bolometric luminosities
of protostars with accretion rate Ṁ∗ = 10−3 (solid; run MD3), 3×10−3 (dashed;
MD3x3), and 6 × 10−3 M⊙ yr−1 (dot-dashed; MD6x3). The condition required
for the protostar in Orion KL region (Morino et al. 1998) is indicated by the
horizontal lines with arrows; Ltot ! 4 × 104 L⊙ and Teff < 5500 K. The
mass range satisfying this condition is denoted by the shade for the case of
Ṁ∗ = 6 × 10−3 M⊙ yr−1.

6. EFFECTS OF NONSPHERICAL ACCRETION

In this paper, we have imposed spherical symmetry. Although
the spherical symmetry enables us to solve structure of both the
protostar and envelope consistently (see Appendix A), the real-
istic geometry of the accretion flow should be more complex.
Some recent observations strongly suggests that mass accre-
tion occurs via accretion disks also for massive protostars (e.g.,
Cesaroni et al. 2007). Numerical simulations show that the
accretion disk is a natural outcome from rotating or turbu-
lent molecular cloud cores (e.g., Yorke & Sonnhalter 2002;
Krumholz et al. 2007). In this section, we discuss some effects
expected when we relax the assumed spherical symmetry.

Difference in geometry of the accretion flow affects structure
of protostars. Gas accreting through a disk is able to radiate
heat away from the disk surface. Thus, materials settling on the
star from the disk have lower specific entropy than that falling
spherically onto the stellar surface. The lower entropy within the
star leads to smaller stellar radius (see Equation 12): protostars
growing via disks have somewhat smaller radii than those with
spherical accretion. It is still an open question how much entropy
is finally imported to a protostar in the disk accretion. This
should depend on the detailed geometry of the flow connecting
the star and disk. Palla & Stahler (1992) considered a limiting
case of the disk accretion, where they adopted the ordinary
photospheric outer boundaries for accreting protostars,

Psf = 2
3

1
κsf

GM∗

R2
∗

, (27)

L∗ = 4πR2
∗σT 4

sf, (28)

(2) Protostellar accretion - radial accretion

19
93

Ap
J.

..
41

8.
.4

14
P

Birthline: locus of models where
the final mass has been reached
(end of the accretion phase).

Palla	  &	  Stahler (1993)

T-‐Tauri	  data

Spherical accretion
Stahler et al. (1980, 1986, 1988); Palla & Stahler (1991, 1992, 1993); Hosokawa et al. (2009, 2011)

Hosokawa et al. (2009)

�̇� = 1063𝑀Z[\/𝑦𝑟



(3) Protostellar accretion– disk accretion

Carlo Felice Manara - OA Roma - 26.06.2018

Accretion onto Pre-Main-Sequence stars

Hartmann, Herczeg and Calvet, 2016, ARAA
 UV-excess 
 Emission lines

Disk accretion
Hartmann et al. (1997); Siess et al. (1997); 
Baraffe et al. (1986, 1988); Tognelli et al. 
(2013,2015); Kunitomo et al. (2017) 

…but…what if the matter falls on the protostar from the boundary layer of a disk?

Observational/theoretical evidence of disks around young accreting stars (IR 
excess in young stars). At some stages of the accretion phase, a disk forms.

I - The accretion interests only a limited portion of the stellar surface (accretion
streams).
II - Reasonably most of the energy of the accreted matter is radiated away before
hitting the stellar surface (cold accretion).



(1) Protostellar accretion – stellar evolution

Hartmann et al. (1997)

𝐿^ = 𝐴𝑀`𝑅6b𝑋^

βD is proportional to the D-burning luminosity

αacc is a parameter that defines the amount of energy carried inside the star by 
the accreted matter

𝐿`ff = 𝛼`ff
𝐺𝑀�̇�
𝑅

If αi$$ = 0 no thermal energy is added: cold accretion
If	  αi$$ = 1 the maximum thermal energy is added: hot accretion

In this formalism if Ṁ = 0, we obtain the classical evolution of a contracting star

𝐿kl = −
3
7
𝐺𝑀o

𝑅
�̇�
𝑅 + 𝐿^

�̇�
𝑅 =

7
3

𝑅
𝐺𝑀o 𝛽^ − 𝐿kl +

𝐺𝑀o

𝑅 𝛼`ff −
1
7
�̇�
𝑀

Mass accretion term

classical evolution term
accretion energy term



(2) Protostellar accretion – stellar evolution

Inputs for the accretion models
I - initial seed mass and radius: 

values typical for the Second Larson Core
𝑀ZrrB~ [1, 50] MJ
𝑅ZrrB~ [0.5, 10] Rsun

II - accretion rate:
Constant? �̇�~106s ÷ 106.Muvwyr6G
Variable? Bursts? 

III - deuterium content in the accreted matter.

IV - cold or hot? Dependent on �̇�(𝜏)? 

𝑀 𝑡 = } 𝑀ZrrB + �̇�(𝜏) 𝑑𝜏
�

�

The mass of star changes because of the accretion

where𝑀ZrrB is the mass of the initial model and �̇�(𝜏) is the accretion rate

To check the impact on the 
resulting PMS models on the 

birthline



(3) Protostellar accretion – stellar evolution

Mass accretion term

classical evolution term accretion energy term

�̇�
𝑅 =

7
3

𝑅
𝐺𝑀o 𝛽^ − 𝐿kl +

𝐺𝑀o

𝑅 𝛼`ff −
1
7
�̇�
𝑀

The Hartmann et al. (1997) analythic approach is usefull to see if the accretion leads
to a radius expansion or contraction.

The star expands if the following term is positive

�̇�
𝑅 ∝ 𝛽^ − 𝐿kl +

𝐺𝑀o

𝑅 𝛼`ff −
1
7
�̇�
𝑀 > 0

In the case of cold accretion (𝜶𝒂𝒄𝒄= 𝟎) the star expands if D-burning provides the 
requested energy.

D-burning has to compensate the radiative loss at the stellar surface (Lph) and the 
variation of the gravitational energy.



(4) Protostellar accretion – stellar evolution
Dependence on Mseed and  XD

4×1063
Tognelli et	  al.	  (2019)

Mseed =	  10	  MJ

1	  Ms

0.8	  Ms

0.6	  Ms

0.4	  Ms

0.2	  Ms

Tognelli et	  al.	  (2019)

Mseed =	  2	  MJ

0.4	  Ms

0.2	  Ms

0.6	  Ms

0.8	  Ms

1	  Ms

If the accretion starts on a 
less massive core, the 
resulting models are 
sistematically more compact 
and fainter.
D-burning alone cannot
increase the stellar radius! 

Stars ignite H-burning before
the end of the accretion!
(Tognelli 2013; Kunitomo et al. 2017)
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FIG. 9.ÈE†ect of starting the evolutionary calculations at a larger radius and allowing the accreted material to retain some thermal energy (a [ 0) (see
text).

results. If the timescale for changing the thermal energy of
the star is short in comparison with the thermal equilibrium
timescale, thermal equilibrium cannot be established, which
is necessary for the star to remain convective. The con-
straint that the thermal time of the star be shorter than the
thermal energy addition timescale,

t
th

\ E
t
/L

phot

\ t
U

\ E
t
/aGMM0 /R , (20)

corresponds to

aGMM0 /R \ L
phot

. (21)

In the case, so this constraint indi-PL L
phot

D 6 ] 10~3 L
_

,
cates that thermal equilibrium can be maintained for M0 [
2 ] 10~10a~1 yr~1. This condition approximatelyM

_reproduces the region where found full convection forPL
a º 10~2 ; the boundary between convective and par-PL
tially convective interiors scales roughly as a~1, as predict-
ed by this analysis.

found that their accreting star remained completelyPL
convective at any accretion rate if a \ 10~3. The reason for
this behavior is probably that convection will not be sup-
pressed if the temperatures of the accreted material are so
low that the temperature gradient cannot be e†ectively
changed over an appreciable region of the star. For the PL
case, a \ 10~3 corresponds to K. Such low tem-T

acc

D 104

peratures cannot change the stellar internal temperature
gradients over any appreciable portion of the star, since
they are not very much higher than the stellar e†ective
temperature K.T

eff

D 3600
states that convection could be throttledCondition (21)

(over at least the outer parts of the star) if a is greater than
the ratio of intrinsic stellar luminosity to the accretion lumi-

nosity. For revealed T Tauri stars, with relatively small disk
accretion rates, this ratio is seldom, if ever, small, so such
stars should remain convective. However, in the early pro-
tostellar collapse phase, the accretion luminosity may domi-
nate the intrinsic luminosity. Application of equation

to a star with R \ 3 indicates that a must be less(15) R
_than D0.05(R/3 if the star isR

_
)3.34(M0 /10~5 M

_
yr~1)~1

to remain convective. For the assumption of aa [ 10~3,
convective star should be applicable at any accretion rate ;
the resulting K is comparable to the stellarT

acc

[ 5 ] 103

e†ective temperature in the absence of accretion and is com-
parable to the temperatures inferred observationally for
material accreting onto T Tauri stars (e.g., et al.Hartigan
1991).

The disk models of et al. suggest that,Popham (1993)
depending upon the assumed disk viscosity, a might be as
large as 0.02 for yr~1, and a D 0.1 forM0 D 10~5 M

_
M0 D

10~4 yr~1. The relatively large values of a at theM
_highest accretion rates make it seem unlikely that the

central stars in FU Ori objects, which are thought to be
typical T Tauri stars with luminosities L

phot

D 1 L
_et al. can remain convective during the(Hartmann 1993),

outburst of rapid disk accretion. Indeed, the radial expan-
sion found by for the analogous case may explain whyPL
the inner disk radii derived for FU Ori objects tends to be a
factor of 2 larger than the typical radii of T Tauri stars

et al. Under these circumstances the cal-(Hartmann 1993).
culations of birthline positions in are not valid.° 3

The idea that the central star becomes radiative and
expands rapidly for seems to be supported by thea Z 10~1

calculations of et al. hereafterMercer-Smith (1984, MCE).
The models expand rapidly across the H-R diagram,MCE
attaining much larger radii at a given mass than indicated

(5) Protostellar accretion – stellar evolution

Hartmann et	  al.	  (1997)

Mass accretion term

classical evolution term accretion energy term

�̇�
𝑅 =

7
3

𝑅
𝐺𝑀o 𝛽^ − 𝐿kl +

𝐺𝑀o

𝑅 𝛼`ff −
1
7
�̇�
𝑀

Case 𝛼`ff <
G
:

the mass accretion produces a radius decrease!

Case 𝛼`ff >
G
:

the mass accretion produces a radius increase!

disk hot accretion models (𝛼`ff ~1) reproduce
the spherical accretion case! =	  Stahler (1988)



(6) Protostellar accretion – stellar evolution

M. Kunitomo et al.: Revisiting the pre-main-sequence evolution of stars. I.
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Fig. 7. Top panel: radius evolution for various heat injection e�ciencies,
⇠ = 0.5 (solid line), 0.1 (dashed), 0.05 (dotted), 0.01 (dot-dashed), and
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with mke = 0.1 is up to about one order of magnitude larger than
the case of the uniform distribution and is almost the same as
the case with ⇠ = 0.3 and uniform distribution. This dependence
mainly comes from the assumption that the entropy of accreting
materials are the same as the stellar surface (see Sect. 2.6). If mke
is small and ⇠ > 0, the accretion heat is injected only in the outer
envelope. This causes "add to be large at these locations, which,
according to Eq. (4), leads to an increase of the stellar luminos-
ity and hence of the specific entropy in this region. The surface
entropy then becomes larger than in the case of a large mke, or
equivalently, of a uniform injection of accretion heat. The as-
sumption that any added mass has the same entropy as the stellar
photosphere e↵ectively leads to accreting material with a higher
entropy and therefore to a larger radius.

The assumptions of a uniform or linear injection of accretion
energy and of continuity of entropy between the photosphere and
accreted material are questionable. However, we can see that the
uniform model with low ⇠ e↵ectively represents one low extreme
model. For high ⇠ values (⇠ >⇠ 0.3), we expect evolution mod-
els to evolve very rapidly initially, losing memory of the initial
conditions and resembling standard evolutionary tracks. In that

sense, although radiation hydrodynamic simulations would be
desirable, the uniform model defined by Eq. (2) is a useful sim-
plification to represent possible evolutionary tracks.

5. Implication for the evolutionary tracks
in the H-R diagram

In this section we compare our results with observations in the
H-R diagrams. We now turn to isochrones by integrating the evo-
lutions of various final masses as shown in Sect. 3.5. We give
special attention to whether these new evolutionary tracks can
explain the luminosity spread problem for young stellar objects
(YSOs), i.e., the fact that for a given cluster, stars are spread
over a relatively wide range of luminosities instead of forming a
well-defined luminosity-e↵ective temperature relation as would
be expected for stars of similar ages and compositions. Although
the consequences of accretion in the H-R diagrams have been
investigated by previous works (BCG09, HOK11 and BVC12),
we choose here to attempt to constrain the values of ⇠ that are in
agreement with the observations of young clusters.

5.1. The PMS luminosity spread problem

5.1.1. Observational constraints

The luminosity spread of PMS stars has been a matter of debate
for decades (see the review of Hillenbrand 2009; Je↵ries 2012;
Soderblom et al. 2014). This spread is seen almost ubiquitously
in star-forming regions and young clusters. Three types of expla-
nations have been proposed: (i) observational or astrophysical
uncertainties (e.g., Hartmann 2001); (ii) an intrinsic age spread
(e.g., Palla & Stahler 2000; Inutsuka et al. 2015) and (iii) physi-
cal processes (e.g., Chabrier et al. 2007; Bara↵e et al. 2009). De-
termining the reason for this spread is important for our under-
standing of star formation.

It is di�cult to determine the luminosity of young PMS stars
because it is subject to the observational (e.g., di↵erential ex-
tinction, reddening, distance, and cluster membership) and as-
trophysical (e.g., circumstellar material and its accretion, un-
resolved binary and variability) uncertainties (e.g., Hartmann
2001). However, the contribution to the luminosity spread
by each uncertainty has been quantitatively estimated (e.g.,
Reggiani et al. 2011; Burningham et al. 2005) and various au-
thors claimed that the sum of their contributions is smaller than
the observed luminosity spread. Moreover, Je↵ries (2007) found
that the projected radii, which are less a↵ected by observational
uncertainties, instead of luminosities, also spread widely. These
results suggest that the luminosity spread is genuine.

A luminosity spread of 0.2–0.3 dex would correspond to a
⇠0.4 dex spread in the ages of PMS stars. This could be ex-
plained theoretically; for example, Inutsuka et al. (2015) pro-
pose that stars are formed by the recurrent compressions by ex-
panding bubbles and that consequently the members of a cluster
are not necessarily formed in a short period of time.

Instead, cold accretion leads to much smaller stellar radii and
luminosities than the classical, non-accreting models and this
can explain the luminosity spread for stars Te↵ >⇠ 3500 K (see
BCG09; HOK11; BVC12; see also Sect. 3.1). For stars of lower
temperatures, the results depend on the size of the assumed seed
radius and di↵er between the di↵erent studies (see Sect. 3.4).

After showing how the PMS isochrones depend on ⇠, XD,
and Rini, we try to estimate possible values of ⇠ that are compat-
ible with the observations. In this section, we assume a uniform
injection of accretion heat (see Sect. 5.1.5).
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materials are the same as the stellar surface (see Sect. 2.6). If mke
is small and ⇠ > 0, the accretion heat is injected only in the outer
envelope. This causes "add to be large at these locations, which,
according to Eq. (4), leads to an increase of the stellar luminos-
ity and hence of the specific entropy in this region. The surface
entropy then becomes larger than in the case of a large mke, or
equivalently, of a uniform injection of accretion heat. The as-
sumption that any added mass has the same entropy as the stellar
photosphere e↵ectively leads to accreting material with a higher
entropy and therefore to a larger radius.

The assumptions of a uniform or linear injection of accretion
energy and of continuity of entropy between the photosphere and
accreted material are questionable. However, we can see that the
uniform model with low ⇠ e↵ectively represents one low extreme
model. For high ⇠ values (⇠ >⇠ 0.3), we expect evolution mod-
els to evolve very rapidly initially, losing memory of the initial
conditions and resembling standard evolutionary tracks. In that

sense, although radiation hydrodynamic simulations would be
desirable, the uniform model defined by Eq. (2) is a useful sim-
plification to represent possible evolutionary tracks.

5. Implication for the evolutionary tracks
in the H-R diagram

In this section we compare our results with observations in the
H-R diagrams. We now turn to isochrones by integrating the evo-
lutions of various final masses as shown in Sect. 3.5. We give
special attention to whether these new evolutionary tracks can
explain the luminosity spread problem for young stellar objects
(YSOs), i.e., the fact that for a given cluster, stars are spread
over a relatively wide range of luminosities instead of forming a
well-defined luminosity-e↵ective temperature relation as would
be expected for stars of similar ages and compositions. Although
the consequences of accretion in the H-R diagrams have been
investigated by previous works (BCG09, HOK11 and BVC12),
we choose here to attempt to constrain the values of ⇠ that are in
agreement with the observations of young clusters.

5.1. The PMS luminosity spread problem

5.1.1. Observational constraints

The luminosity spread of PMS stars has been a matter of debate
for decades (see the review of Hillenbrand 2009; Je↵ries 2012;
Soderblom et al. 2014). This spread is seen almost ubiquitously
in star-forming regions and young clusters. Three types of expla-
nations have been proposed: (i) observational or astrophysical
uncertainties (e.g., Hartmann 2001); (ii) an intrinsic age spread
(e.g., Palla & Stahler 2000; Inutsuka et al. 2015) and (iii) physi-
cal processes (e.g., Chabrier et al. 2007; Bara↵e et al. 2009). De-
termining the reason for this spread is important for our under-
standing of star formation.

It is di�cult to determine the luminosity of young PMS stars
because it is subject to the observational (e.g., di↵erential ex-
tinction, reddening, distance, and cluster membership) and as-
trophysical (e.g., circumstellar material and its accretion, un-
resolved binary and variability) uncertainties (e.g., Hartmann
2001). However, the contribution to the luminosity spread
by each uncertainty has been quantitatively estimated (e.g.,
Reggiani et al. 2011; Burningham et al. 2005) and various au-
thors claimed that the sum of their contributions is smaller than
the observed luminosity spread. Moreover, Je↵ries (2007) found
that the projected radii, which are less a↵ected by observational
uncertainties, instead of luminosities, also spread widely. These
results suggest that the luminosity spread is genuine.

A luminosity spread of 0.2–0.3 dex would correspond to a
⇠0.4 dex spread in the ages of PMS stars. This could be ex-
plained theoretically; for example, Inutsuka et al. (2015) pro-
pose that stars are formed by the recurrent compressions by ex-
panding bubbles and that consequently the members of a cluster
are not necessarily formed in a short period of time.

Instead, cold accretion leads to much smaller stellar radii and
luminosities than the classical, non-accreting models and this
can explain the luminosity spread for stars Te↵ >⇠ 3500 K (see
BCG09; HOK11; BVC12; see also Sect. 3.1). For stars of lower
temperatures, the results depend on the size of the assumed seed
radius and di↵er between the di↵erent studies (see Sect. 3.4).

After showing how the PMS isochrones depend on ⇠, XD,
and Rini, we try to estimate possible values of ⇠ that are compat-
ible with the observations. In this section, we assume a uniform
injection of accretion heat (see Sect. 5.1.5).
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(7) Protostellar accretion – stellar evolution

Hot disk accretion and Mseed
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PMS lithium abundance as a witness of protostellar accretion
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To summarize the present section, we can say that a luminos-
ity spread in the lower, coolest part of the HRD (Teff ! 3500 K,
M ! 0.1M⊙) similar to the observed one can be produced

1. either by starting with a spread of initial protostellar masses
in the 1–5 MJup range, for α = 0,

2. or by starting with a unique initial protostellar mass,
Mi ≃ 1 MJup, but considering collapsing low-mass cloud
prestellar cores of different masses—as indeed expected
from the core mass distribution resulting from the parent
cloud collapse—with some variation of α between 0 and a
few percent.

Or, obviously, it can be produced by a combination of both
scenarios. Note, however, that in both cases, it is necessary
to start with protostar initial masses as small as ∼1 MJup to
obtain LMSs or BDs as faint at 1 Myr as non-accreting 10 Myr
old objects of the same mass. The unambiguous observation of
such faint low-mass objects in young (∼1 Myr) clusters would
thus indicate that the minimum mass for star formation indeed
extends down to about this limit. In contrast, the demonstration
that star formation can never produce such small initial protostar
masses would suggest that either some physics is missing in the
present calculations, or that indeed the luminosity spread in the
low-mass part of the HRD is not, or at least not entirely, due to
early accretion in the protostar phase, or that the observations
are questionable.

4.2. Upper Part of the HRD

We now focus on the upper, hotter part of the HRD, namely,
final objects with Teff > 3000 K, up to ∼1 M⊙. Always
assuming a roughly mass-independent fraction of core accreting
envelope removed by outflows, such large masses must be
issued from larger cloud initial prestellar core masses. Figure 3
displays sequences of evolution obtained for an initial prestellar
core Mc = 1.53 M⊙, with β = 1.3 × 10−2, starting from a
protostar initial mass Mi = 1 MJup, for different values of
αmax (we recall that α is switched from 0 to αmax only during
burst events exceeding Ṁ " Ṁcr = 10−5 M⊙ yr−1). The
prestellar core collapse calculations were performed up to t =
1.5 Myr. At this age, the star has a mass M = 0.75 M⊙ and
still accretes at a rate Ṁ ∼ 8 × 10−8 M⊙ yr−1. At 1 Myr,
the central object has a mass M = 0.71 M⊙. The results show
that variations of αmax in the range 0–0.2 produce the typical
observed luminosity spread in the HRD. Note in passing the
incredibly erratic evolutionary path for αmax = 0.2. These
tracks, as well as the ones illustrated in the previous figures,
highlight the complex early evolution of accreting protostars
until they reach their final mass, quite different from the usual
constant-Teff Hayashi track typical of low-mass non-accreting
objects. For illustration, we also display the position at 1 Myr of
a sequence starting with an initial mass Mi = 5 MJup and αmax =
0 (empty circle). As seen, starting with Mi = 1 or 5 MJup leads
basically to the same results, a consequence of the large amount
of total mass accreted and the resulting large binding energy
of the protostar. Indeed, for such sequences, the energy release
from deuterium burning can never overcome the gravitational
energy increase (as explained in Appendix A) and the effect
of accretion is the same, independently of the initial mass. A
similar spread was obtained, with cold accretion, in BCG09,
for larger values of Mi (see discussion in Section 4.1.1). As
illustrated in Figure 3, adopting values for Mi more consistent
with the ones expected for the second Larson’s core, the only
possibility to counterbalance the contracting effect of mass

Figure 3. Evolution of accreting sequences with Mi = 1 MJup and different
values of α, with accretion rates (plotted in the inset in M⊙ yr−1 vs. time in yr)
derived from the collapse of a prestellar core of mass Mc = 1.53 M⊙ and
β = 1.3 × 10−2. Filled circles on each colored curve give the position at 1 Myr.
The (magenta) open circle close to the filled circle corresponds to the position
at 1 Myr of a sequence starting with Mi = 5 MJup and with αmax = 0. The two
long-dashed (black) curves are the same as in Figure 1.
(A color version of this figure is available in the online journal.)

accretion on the protostar and to produce a luminosity spread
is to assume a spread in the values of α between 0 and ∼0.2,
i.e., some variations in the shock conditions on the protostar.
This is consistent with the accretion histories obtained in the
present and VB10 calculations, as well as in 3D simulations
(Machida et al. 2010). Indeed, in contrast to the case with small
prestellar cores, the accretion rate for the larger cores (even
with moderate values of β # 5 × 10−3) often exceeds our
critical value Ṁcr = 10−5 M⊙ yr−1 and even 10−4 M⊙ yr−1

during the most intense bursts. It is intuitively expected that
larger accretion rates, and thus larger ram pressures and hotter
accreting material, are more likely to affect the internal heat
content of the initial protostar, fixed by the second Larson’s core
adiabat. In Appendix B, we provide some analytical estimates
of the properties of the accretion shock as a function of the
accretion rate that provide some physical foundation for such
larger values of α for higher mass objects.

5. FU Ori BURSTS

As displayed in the inset of Figure 3, the calculated accretion
rates corresponding to the collapse of a prestellar core of mass
Mc = 1.53 M⊙ exhibit strong variations with time, with violent
bursts reaching values characteristic of FU Ori-like bursts. As
mentioned above, such high rates are never reached during the
collapse of the smaller cores investigated in Section 4.1. In case
of strong accretion, approaching or exceeding the hot accretion
limit, the most intense bursts strongly and durably affect the
structure of the protostar, provoking its rapid expansion followed
by a rapid contraction as soon as the burst stops. This is
illustrated in Figure 4, which portrays the evolution of the
radius for protostars of same initial mass Mi = 1 MJup and
final mass Mf = 0.75 M⊙, accreting the same amount of mass
∆M , but for different values of αmax, namely, 0, 0.04, and
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Figure 5. Illustration of the luminosity spread in the HRD obtained for various
sequences of evolution calculated for prestellar core masses Mc = 0.061, 0.075,
0.085, 0.1, 0.38, 0.92, 1.53, and 1.85 M⊙, leading to objects in the mass range
0.03–0.9 M⊙ at 1 Myr, as indicated in blue on the left-hand side of the symbols.
The symbols give the position at 1 Myr. Solid (blue) symbols correspond to
Mi = 1 MJup; open (red) symbols correspond to Mi = 5 MJup. Circles: αmax =
0; squares: αmax = 0.02; triangles: αmax = 0.2. Black long-dashed curves are
the same as in Figure 1.
(A color version of this figure is available in the online journal.)

systematic study, assuming a distribution of Mc, β, and Mi. As
mentioned above, the collapse of cloud cores with large Mc and
β produces the most intense accretion bursts, which can explain
the observed properties of FU Ori-like objects, in particular their
SED and the factor of ∼2 increase of the stellar radius.

7. IMPACT ON THE FINAL MASS
AND IMF DETERMINATION

A natural question arising from the present global scenario is,
what is the impact of early accretion on the mass determination
at young ages, and thus what is the impact on the IMF
determination for young clusters, derived from mass–luminosity
relations based on non-accreting isochrones?

A first interesting feature concerning the impact of accretion
on the final object is that this impact is relatively small in the
low-mass (!0.04 M⊙) BD domain. First of all, as seen in all
figures, the dispersion of luminosity in this domain reduces
significantly, as the 1 and 10 Myr non-accreting isochrones tend
to merge toward a single line. This stems from the fact that
the luminosity barely evolves during this timescale for low-
mass BDs with masses !0.04 M⊙, due to ongoing deuterium
burning.9 A second (related) feature, as seen in Figure 5, is
that accretion has a lesser impact on the evolution of BDs
of final masses !0.04 M⊙. As explained in Appendix A, the
energy released from (initially present and accreted) deuterium
fusion can partly overcome the gravitational energy increase
due to mass accretion for these very low masses, limiting the
total contraction of the object compared to its non-accreting
counterpart of the same mass and age. We expect this to be
true as long as deuterium fusion remains efficient, i.e., down to
∼0.01 M⊙. Therefore, BDs in the mass range ∼0.01–0.04 M⊙

9 Deuterium burning lasts ∼9 Myr for a 0.03 M⊙ BD and ∼6 Myr for a
0.04 M⊙ BD according to the Baraffe et al. (1998) models.

Table 1
Comparison between Masses (in M⊙) Inferred from Accreting and

Non-accreting Models, Respectively, for Some Given (L, Teff )

log(L/L⊙) Teff M1 Myr MBCAH98 tBCAH98 Mc Mi α

(M⊙) (MJup)

−2.12 2783 0.04 0.04 5 0.075 1 0
−1.919 3026 0.065 0.08 10 0.085 1 0
−1.72 3115 0.09 0.11 10 0.1 1 0
−0.83 3750 0.5 0.7 20 0.92 5 0
−0.74 3763 0.5 0.7 15 0.92 1 0
−0.32 4182 0.9 1.1 10 1.85 1 0
−0.37 4221 0.9 1.05 15 1.85 5 0

Notes. The table provides the mass M1 Myr resulting from accreting sequences
that correspond to these (L, Teff ) at 1 Myr, the mass MBCAH98 that corresponds
to the same (L, Teff ) for non-accreting models (Baraffe et al. 1998), and age
tBCAH98 (in Myr). The last three columns provide the various initial conditions,
Mc, Mi, and α, which yield these masses for the accreting sequences.

Table 2
Same as Table 1 for a Given (Age, Teff )

Age Teff Macc MBCAH98 Mc Mi α

(Myr) (M⊙) (MJup)

1 2720 0.03 003 0.061 1 0
1 3026 0.065 0.11 0.085 1 0
1 3750 0.5 0.9 0.92 5 0
1 4182 0.9 1.4 1.85 1 0

Notes. Macc is the mass derived from an accreting sequence with Mc, Mi, and
α specified in the table.

should be only moderately affected by their accretion histories.
Work is under progress to explore the early evolution of
accreting BDs below the deuterium-burning minimum mass.

This is different for higher masses. Table 2 of BCG09 al-
ready provides some information about the difference between
observed properties, L and Teff , for accreting and non-accreting
objects of given mass in the LMS domain. In order to illustrate
the impact of accretion history on the IMF determination, we
provide some comparisons in Tables 1 and 2 between the masses
inferred from accreting and non-accreting (Baraffe et al. 1998)
models, respectively, for a few typical examples. Table 1 com-
pares the inferred masses for given luminosity L and effective
temperature Teff , while Table 2 compares the masses for given
age and effective temperature Teff . As seen in Table 1, infer-
ring the mass for a given (L, Teff) from non-accreting models
can yield an overestimation of the mass by ∼20% to ∼40%
for the largest masses. The overestimation can be even larger
when inferring the mass from given age and Teff , as illustrated in
Table 2. This is consequential when inferring the IMF for young
clusters from the observed signatures in the HRD. Similarly, as
seen in the same table, inferring an age for LMS from their ob-
servational signatures from non-accreting isochrones can lead
to ages as large as 20 Myr, whereas the objects are 1 Myr old in
reality. This highlights the crucial impact of early accretion his-
tory on the evolutionary properties of young low-mass objects.
As mentioned above, for masses M ! 0.04 M⊙, the impact is
much less severe. A more systematic study exploring a wider
range of parameters (Mc, β, Mi, α) is under progress to further
explore this impact on the IMF.

8. CONCLUSION

In this paper, we have presented a global scenario, based
on accretion evolutionary sequences for LMSs and BDs
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Summary

It is possible to consistently include the protostellar
accretion into theoretical stellar PMS models. But...

…we need to constrain some parameters!

Second larson core initial mass and radius?

Accretion rate? Temporal dependence?

Accretion geometry and accretion energy? 

JWST should help in doing this!

[…]after all it is written in the stars. ”Woman”, Double Fantasy 1980 - John Lennon


